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ABSTRACT
Accretion of tidally disrupted stars (TDSs) is expected to contribute significantly to the growth of
massive black holes (MBHs) with mass ∼ 106M⊙ in galactic centers. In this paper, we quantitatively
investigate the effect of the TDS accretion on the spin evolution of these relatively small MBHs, by also
considering the accretion of gas-clouds with (many) chaotic episodes. We find that the accretion of
TDSs can play an important role or even a dominant role in shaping the spin distribution of ∼ 106M⊙
MBHs, depending on the contribution fraction (fTDE) of the TDS accretion to the MBH growth. If
fTDE is as large as & 0.9, most ∼ 10
6M⊙ MBHs have low spins (|a| . 0.3); if fTDE is as small as
. 0.1, most ∼ 106M⊙ MBHs have high spins (|a| & 0.7). We also find that (1) the fraction of highly
spinning ∼ 106M⊙ MBHs in the TDS accretion states is smaller than that in the gas-cloud (AGN)
accretion states, which is a consequence of more rapid spin decrease during the period of consecutive
TDS accretion than the spin increase during the AGN periods when the spin is large; (2) the fraction
of retrograde spin accretion in the TDS accretion states is almost the same as that of prograde spin
accretion, while it is negligible in the gas-cloud (AGN) accretion states. Current scarce sample of
AGNs (∼ 106M⊙) with spin measurements hints an insignificant contribution from TDS accretion to
MBH growth. Future measurements on spins of ∼ 106M⊙ MBHs may provide stronger constraints
on the importance of both AGN and TDS accretion states in their growth history.
Subject headings: accretion, accretion disks; black hole physics; galaxies: active; galaxies: nuclei;
relativistic processes
1. INTRODUCTION
Massive black holes (MBHs) exist almost ubiqui-
tously in galactic centers (e.g., Kormendy & Ho 2013),
which are believed to be fully specified by their masses
and spins (Kerr 1963). It has been demonstrated
that the spin distribution of MBHs may contain im-
portant information about the MBH formation and
assembly history and thus may be used to put con-
straints on their growth history (e.g., Volonteri et al.
2005; King & Pringle 2006; Volonteri et al. 2007;
Berti & Volonteri 2008; King et al. 2008; Perego et al.
2009; Sądowski et al. 2011; Volonteri et al. 2013;
Dotti et al. 2013; Sesana et al. 2014), in addition to the
mass distribution and the AGN luminosity function
(e.g., Sołtan 1982; Yu & Tremaine 2002; Marconi et al.
2004; Yu & Lu 2004, 2008; Shankar et al. 2009).
The accretion modes that MBHs experienced play a
leading role in determining the MBH spin evolution (e.g.,
Volonteri et al. 2007). Coherent accretion, whether via
thick disk or the standard thin disk, leads to rapid spin-
up of the central MBH, while “chaotic” accretion, com-
posed of many episodes with randomly distributed disk
orientations, may lead to spin-down of a rapidly rotating
MBH. Therefore, the spins of most active MBHs should
be close to 1 if their growth is dominated by coherent
accretion, and they may be close to 0 if their growth
is dominated by chaotic accretion with sufficiently small
disk mass in each accretion episode.
Currently there are more than two dozen MBHs in
AGNs having spin estimations, mainly by using the pro-
file of Fe Kα line and the X-ray reflection spectroscopy,
and most of those MBHs are rapidly rotating with spin &
0.8 (e.g., Brenneman & Reynolds 2006; Brenneman 2013;
Reynolds 2014; Vasudevan et al. 2016). High radiative
efficiencies inferred for some QSOs also suggest rapidly
spinning MBHs in those QSOs (e.g., Trakhtenbrot 2014;
Capellupo et al. 2016). However, Liu et al. (2015) re-
cently showed that those MBHs in narrow-line Seyfert 1s
(NLS1s), typically with mass ∼ 106M⊙, may not be spin-
ning very fast in general according to the profile of the
broad relativistic Fe Kα line found in the stacked spec-
trum of a large number of NLS1s. It is not clear whether
the apparently low spins of those MBHs in NLS1s are
due to their different growth histories.
Tidal disruption of stars was first predicted as an ex-
otic phenomenon inevitably resulting from the existence
of MBHs in the centers of galaxies (e.g., Hills 1975;
Rees 1988), and later confirmed by observations (e.g.,
as summarized in Komossa 2015). The predicted rate of
TDEs is about 10−4 − 10−3 yr−1 for small galaxies with
∼ 106M⊙ MBHs and 10
−6 − 10−5 yr−1 for big galax-
ies with & 107M⊙ MBHs (e.g., Magorrian & Tremaine
1999; Wang & Merritt 2004; Kesden 2012). By using
TDEs found in various surveys, such as the ROSAT all-
sky survey, the XMM-Newton slew survey, the Galaxy
Evolution Explorer (GALEX) survey, and the Sloan Dig-
2ital Sky Survey (SDSS), the TDE rate has also been fre-
quently estimated and the value is generally ∼ 10−5 yr−1
per galaxy (e.g., Donley et al. 2002; Esquej et al. 2008;
Gezari et al. 2008; van Velzen & Farrar 2014). The dis-
crepancy between the theoretical and observational rates
could be caused by various factors such as selection ef-
fect, small number statistics, and dust extinction (see
Stone & Metzger 2016). If small galaxies do have a
higher TDE rate as suggested by theoretical studies
(e.g., Wang & Merritt 2004), the accretion of TDSs over
the cosmic time would dominate or contribute signifi-
cantly to the mass growth of ∼ 106M⊙ MBHs (see, e.g.,
Milosavljević et al. 2006), though it contributes little to
the growth of & 107M⊙ MBHs as the TDE rate for those
MBHs is much smaller.
Accretion of TDSs may also affect the spin evolution of
MBHs, especially the small ones with mass ∼ 106M⊙, in
addition to the AGN accretion modes mentioned above.
Volonteri et al. (2007) have pointed out that the sig-
nificance of accreting TDSs in the growth histories of
∼ 106M⊙ MBHs may lead to the spin distribution of
those MBHs significantly different from that for MBHs
with mass substantially larger than 107M⊙. In this pa-
per, we quantitatively investigate the effect of accreting
TDSs on the spin evolution of ∼ 106M⊙ MBHs, whether
this effect could lead to a spin distribution of those AGNs
with ∼ 106M⊙ MBHs significantly different from that of
> 107M⊙ MBHs, and whether it can be used to constrain
the significance of TDS accretion to the growth of those
MBHs.
This paper is organized as follows. In Section 2,
we consider an evolution model for MBHs with mass
∼ 106M⊙
1, which grow up via the accretion of numer-
ous tidally disrupted stars (TDSs) and a number of gas-
clouds on orbits with random orientations relative to
the MBH equatorial plane. More detailed physics about
the TDS and gas-cloud accretion are considered here
compared with previous analytic studies on TDS effect
on MBH spin evolution in Volonteri et al. (2005) and
chaotic gas-cloud accretion in King et al. (2008). Our
results on the spin distribution of MBHs in both the gas-
cloud (AGN) accretion episodes and the TDS accretion
episodes obtained from some example models are pre-
sented in Section 3. According to those results, we ob-
tain some implications on the importance of the TDS
accretion to the growth of ∼ 106M⊙ MBHs from cur-
rent spin measurements in in Section 4. Conclusions and
discussions are given in Section 5.
2. SPIN EVOLUTION OF ∼ 106M⊙ MBHS
To investigate the effect of accreting TDSs on the
spin evolution of ∼ 106M⊙ MBHs, we assume an ini-
tial mass of 105M⊙ and a final masses of 10
6.5M⊙ for
those MBHs2, and they grow up by accreting (1) TDSs
1 The effect of mergers is not considered in this paper as those
∼ 106M⊙ MBHs, mainly in the bulges of spiral galaxies, probably
did not experience a significant number of major mergers in their
assembly histories.
2 We simply choose such a mass range as our goal in the present
paper is to investigate how accretion of TDSs influences the spin
evolution of ∼ 106M⊙ MBHs. Adopting a smaller initial MBH
mass does not affect our results; adopting a substantially larger
final MBH mass (> 107M⊙) does affect our results, but we have
argued that the contribution from TDS accretion to those is in-
and (2) giant gas-clouds falling in. Since the plug-in or-
bits of TDSs or the infalling gas-cloud may be randomly
oriented, the accretion disks can be either on the MBH
equatorial plane or inclined to it. Therefore, the mass
growth and spin evolution of the MBH are generally con-
trolled by the amount of material falling into the MBH
from the inner disk boundary and the torque exerted
by the (inclined) disk on the MBH spin. In general, the
MBHmass growth rate is determined by (e.g., see Thorne
1974)
dM•
dt
= fEdd
Ein
1− Ein
M•
tEdd
, (1)
where fEdd is the Eddington ratio, Ein is the specific en-
ergy of the accreted material at the disk inner boundary
rin which may be coincident with the innermost stable
circular orbit (ISCO), and tEdd = 4.5× 10
8 yr is the Ed-
dington timescale. The MBH angular momentum (J•)
evolution is controlled by
dJ•
dt
= M˙rgcLinlˆ+
4piG
c2
∫
disk
L× J•
r2 · rg
dr, (2)
where M˙ is the accretion rate at rin, Lin is the specific
angular momentum at rin, L is the angular momentum
vector of disk per unit area, lˆ is a unit vector paral-
lel to L(rin), and r is in unit of gravitational radius rg
(= GM•/c
2 with G the gravitational constant and c the
speed of light; see also Perego et al. 2009; Dotti et al.
2013 for Eq. (2)). The first term at the r.h.s. of Equa-
tion (2) represents the contribution from the angular mo-
mentum brought in by material falling from the disk in-
ner boundary, and the second term at the r.h.s. of Equa-
tion (2) represents the coupling between the MBH spin
and the disk angular momentum i.e., the Lense-Thirring
(LT) precession (Lense & Thirring 1918). This leads to
a warped accretion disk, with the inner region bent to
the MBH equatorial plane and the outer region keeping
the original misalignment (Bardeen & Petterson 1975),
and may further lead to a gradual alignment (or anti-
alignment) of the MBH and disk angular momenta. If
the initial angle β between Jdisk and J• satisfies the con-
dition cosβ < −Jdisk/2J•, then the system will finally
reach a stable counter-alignment configuration, and oth-
erwise the alignment will be the case (King et al. 2005).
If the disk is on the equatorial plane of the MBH, then
the second term vanishes, and combining Equations (1),
Equations (2) is reduced to (e.g., Thorne 1974; Barausse
2012; Dotti et al. 2013)
da
dt
= (Lin − 2aEin)
fEdd
(1− Ein)tEdd
, (3)
where Ein and Lin are values at ISCO of equatorial disk,
and a is the dimensionless spin parameter with |a| =
c|J•|
GM2
•
. Throughout this paper, a is positive if the disk
is co-rotating around the MBH, and negative if counter-
rotating around the MBH.
In this paper, we consider the accretion of TDSs
and gas-clouds separately and ignore the possibility of
accreting TDSs during the gas-cloud (AGN) accretion
episodes. The main reasons are as follows. First, if a
significant.
3star is tidally disrupted during a gas-cloud (AGN) accre-
tion episode, the star before its disruption or the tidal
debris after the disruption may ground down quickly
due to its interaction with the accretion disk and be-
come part of the disk (cf., Artymowicz et al. 1993;
Miralda-Escudé & Kollmeier 2005). Second, currently it
is still not clear what exactly the signal is from a TDE oc-
curred in the gas-cloud (AGN) accretion episodes and it
is difficult to identify such an event (but Blanchard et al.
2017). Third, the AGN lifetime is short compared with
the cosmic time, and thus the contribution of those TDSs
to the MBH mass growth and spin evolution during
the gas-cloud (AGN) accretion episode(s) is insignificant,
provided a more or less constant TDE rate for any in-
dividual galaxies. Note also that we only consider the
spin evolution of MBHs due to accretion of TDSs and
gas-clouds, and ignore the effect of any other processes
and the intervals between any two adjacent accretion
episodes. With such a setting, the MBH may be detected
as a ‘TDE’ when it accretes through the TDS channel, or
as a normal ‘AGN’, possibly an NLS1, when it accretes
via the standard thin disk at a rate close to the Edding-
ton limit through the gas-cloud accretion channel.
2.1. Accretion of tidally disrupted stars
Normally a TDE occurs when a star moves so close to
an MBH that the periapsis of its orbit rp is less than the
tidal radius
rtid = D∗
(
M•
M∗
)1/3
= 0.47 AU x∗
(
M•,6
m∗
)1/3
, (4)
where D∗ and M∗ are the radius and mass of the star,
respectively, x∗ is the radius of the star in unit of the solar
radius, M•,6 is the MBH mass in unit of 10
6M⊙, and m∗
is the stellar mass in unit of M⊙. For simplicity, in this
paper we assume that the TDSs all have the solar mass
and the solar radius, i.e., x∗ = 1 and m∗ = 1. Assuming
a mass spectrum for TDSs introduces little effect to our
results presented in Section 3.
Once a star is tidally disrupted, roughly half of its
mass is ejected, and the other half is bound to the MBH.
The debris of the bound part starts to fall back to their
pericenter after a time tmin ∼ 41M
1/2
•,6 day with a rate of
M˙fb = M˙p
(
t
tmin
)−5/3
, (5)
where M˙p = M⊙/3tmin ∼ 1.9 × 10
26M
−1/2
•,6 g s
−1 is the
peak of the fallback rate (e.g., Lodato & Rossi 2011).
The fallback rate is larger than the Eddington limit
M˙Edd ≃ LEdd/ηc
2 = 1.4 × 1024M•,6(η/0.1)
−1g s−1 at
the beginning if M•,6 . 25, where η is the radiative ef-
ficiency of the MBH, and LEdd = 1.3× 10
44M•,6erg s
−1
is the Eddington luminosity. Therefore, the accretion of
the debris of a TDS can be divided into two stages: an
initial stage with M˙fb > M˙Edd, in which the accretion
may be via thick disk with outflows, and a second stage
with M˙fb < M˙Edd, in which the accretion may be via the
standard thin disk.
It has been suggested that most of the debris may be
expelled via outflows and the actual rate at the inner edge
rin of the disk is at most about the Eddington value, al-
though the accretion rate exceeds the Eddington limit in
the first stage (e.g., Franchini et al. 2016). Therefore, we
assume that the factor fEdd in the r.h.s. of Equation (1)
is equal to min(M˙fb/M˙Edd, 1) for the TDS accretion.
The disk formed by TDS debris may not be on the
equatorial plane of the MBH initially since the stellar
orbits of TDSs are probably isotropically distributed, as
suggested by studies of loss cone stars surrounding mas-
sive binary black holes, in which those stars are found
to be on chaotic orbits with random orientations (see
Cui & Yu 2014; Vasiliev et al. 2015). On the one hand,
the inner disk may also not be on the equatorial plane for
this inclined TDS disk configuration (see Section 2.1.2).
The specific energy (Ein) and angular momentum (Lin)
at the inner disk boundary (presumably the ISCO) have
already been given in the literature for equatorial disks
(e.g., Bardeen et al. 1972). However, those quantities for
inclined disks are different from the equatorial case and
are not explicitly given in the literature. Therefore, it is
necessary to calculate Ein and Lin for disks with differ-
ent inclination angles at the inner edge in order to solve
Equations (1) and (2) that govern the MBH mass and
spin evolution. On the other hand, the misalignment be-
tween the angular momenta of the disk and MBH leads
to the generation of torques on both the disk and MBH
(the second term at the r.h.s. of Eq. 2) and thus the
precession and eventual alignment of them. Below we
first introduce the procedures to calculate rin, Ein, and
Lin for an inclined disk in Section 2.1.1, then describe the
precession and alignment of the TDS disk due to the disk
angular momentum-MBH spin coupling in Section 2.1.2,
and finally present the method to solve the mass and spin
evolution equations in Section 2.1.3.
2.1.1. Specific energy and angular momentum at the inner
boundary of an inclined disk
We adopt the Boyer-Lindquist coordinate system (t, r,
θ′, φ′) to describe the MBH metric. For an MBH with
any given spin a and a non-equatorial disk with any in-
clination angle i,3 rin, Ein and Lin can be calculated
by the following procedures. Note that similar method
was adopted by Hughes (2000, 2001, see also Stone et al.
2013) to calculate the properties of non-equatorial circu-
lar orbits around Kerr black holes.
First, we calculate the ISCO (in unit of rg) for an equa-
torial disk according to (Bardeen et al. 1972)
rISCO=3 + Z2 ∓ [(3 − Z1)(3 + Z1 + 2Z2)]
1
2 , (6)
where Z1 = 1+ (1− a
2)1/3[(1 + a)1/3 + (1− a)1/3], Z2 =
(3a2 + Z21 )
1/2, and the upper/lower case of the “∓” (or
“±”) signs represents for prograde/retrograde orbits (the
same afterwards). The specific energy EISCO and angular
momentum LISCO at rISCO are then calculated through
E(r)=
r3/2 − 2r1/2 + a
r3/4(r3/2 − 3r1/2 + 2a)1/2
, (7)
L(r)=±
r2 − 2ar1/2 + a2
r3/4(r3/2 − 3r
1
2 + 2a)
1
2
, (8)
3 Here i is defined as the angle between the orbital angular
momentum of the disk at the inner edge and the MBH spin vector,
and hence i = 0, pi/2, and pi correspond to the prograde equatorial
orbit, polar orbit, and retrograde equatorial orbit, respectively.
4by setting r = rISCO.
Second, fix r = rISCO for prograde orbits, decrease the
energy E from the starting point EISCO, and calculate
the z-direction angular momentum Lz and the Carter
constant Q via
Lz(r, E)=
E(r2 − a2)−∆
√
r2(E2 − 1) + r
a(r − 1)
, (9)
Q(r, E)=
[
(a2 + r2)E − |a|Lz(r, E)
]
∆
−B , (10)
where ∆ = r2 − 2r + a2 and B ≡ r2 + a2E2 −
2|a|ELz(r, E) + Lz(r, E)
2 (see Hughes 2000, 2001). We
further check whether d2R/dr2 equals zero; if not, then
increase r to repeat the above procedures until reach-
ing d2R/dr2 = 0, the condition for the innermost cir-
cular orbit, or until an unphysical Lz or Q is reached.
Here R is defined as R ≡
[
E(r2 + a2)− |a|Lz
]2
−
∆
[
r2 + (Lz − |a|E)
2 +Q
]
, and the orbital motion equa-
tions are Σ2(dr/dτ)2 = R, Σ2(dθ′/dτ)2 = Q−cot2 θ′L2z−
a2 cos2 θ′(1−E2), and Σ(dφ′/dτ) = csc2 θ′Lz+|a|E[(r
2+
a2)/∆ − 1] − a2Lz/∆, with Σ ≡ r
2 + a2 cos2 θ′. If
d2R/dr2 = 0, then we record r, E, Q, Lz, and the incli-
nation angle i.
The total angular momentum for a non-equatorial
plane circular orbit is not conserved because of the LT
and frame-dragging effects. For example, the LT ef-
fect causes the orbit to precess around, i.e., θ′ is not
a constant. For non-equatorial circular orbits, it can
be described as L2tot(θ
′) = Q + L2z − a
2 cos2 θ′(1 − E2)
(e.g., de Felice 1980; Frolov & Novikov 1998). Given
a non-equatorial circular orbit with rin, E, Lz, and
Q, we estimate the maximum and minimum values of
θ′, i.e., θ′max and θ
′
min, by solving the motion equation
Σdθ′/dτ = 0. Then we take 〈Ltot〉 = [Ltot(θ
′
max) +
2Ltot(pi/2) + Ltot(θ
′
min)]/4 as the mean specific angular
momentum carried by the accreted material falling into
the MBH from a circular orbit with rin, Ein, Lz, and Q,
which is also recorded for each non-equatorial circular
orbit obtained above.
Third, decrease E again, and repeat the above proce-
dures until r = rISCO for retrograde orbits. Hence an
array of rin, Ein, 〈Ltot〉, Lz, and i is obtained for the
innermost equatorial and non-equatorial circular orbits
around an MBH with any given spin a.
Finally, for a disk with any given inclination angle i,
rin, Ein and Lin (≃ 〈Ltot〉) can be estimated by interpo-
lation according to the array obtained above. Note here
η = 1− Ein.
Figure 1 shows the radius of the ISCO rin, the specific
energy and angular momentum at rin as a function of the
inclination angle of the orbit for an MBH with |a| = 0.1,
0.5, and 0.9, respectively. As seen from Figure 1, rin
decreases with increasing cos i and is in between that for
retrograde (i = 180◦) and prograde (i = 0◦) orbits on
the equatorial plane. The variation trends of Ein and
Lin with the inclination angle are similar to that for rin.
2.1.2. Disk angular momentum-MBH spin coupling:
precession and alignment
We introduce two Cartesian reference frames here, in
order to study the precession and alignment of the disk.
0
5
10
r i
n
0.8
0.9
1.0
E
in
−1.0 −0.5 0.0 0.5 1.0
cosi
2
3
4
|L
in
|
Fig. 1.— The radius of the innermost circular orbit rin (top
panel), the specific energy (Ein; middle panel) and the specific
angular momentum (Lin; bottom panel) at rin, as a function of the
inclination angle i for both equatorial and non-equatorial orbits.
Solid, dashed and dotted lines represent for |a|=0.9, 0.5 and 0.1,
respectively. According to our definitions, cos i = −1 corresponds
to retrograde equatorial disks, and cos i = 1 to prograde ones (see
the footnote in Section 2.1.1).
One is the observer’s rest frame Oxyz centered on the
MBH, and the other is the rotating coordinate Ox′y′z′
centered on the MBH and the z′-axis is always parallel
with the MBH spin. Both of the Cartesian coordinates
can be converted to spherical coordinates in terms of ra-
dius r, polar angle θ and azimuthal angle φ. In this sub-
section, quantities (vectors and angles) with superscript
‘′’ are in the Ox′y′z′ frame. We assume that the ini-
tial direction of Jdisk for each TDS relative to the Oxyz
frame is randomly oriented, i.e., the distribution for the
azimuthal angle φ is flat over 0 to 2pi, and the distribu-
tion for the polar angle θ is proportional to sin θ over 0
to pi.
The gravito-magnetic interaction between the MBH
and an inclined TDS disk, at least at the initial super-
Eddington accretion stage, will cause the precession and
gradual alignment of their angular momenta, as detailed
below.
(i) Global precession: The angular momentum of
the disk per unit area in the Ox′y′z′ reference frame can
be expressed as
L
′(r) = ΣΩr2r2gλˆ
′, (11)
whereΣ = 3×106 α−4/5 M
1/5
•,6 m˙
3/5 (η/0.1)−3/5 r−3/5 (1−√
rin/r)
3/5 g cm−2 is the surface density of the disk
with m˙ = M˙/M˙Edd, Ω is the angular velocity, λˆ
′ is a
unit vector paralleled to L′(r) (Franchini et al. 2016).
The disk size is assumed to be twice the tidal radius,
5i.e., rout = 2rtid/rg = 94M
−2/3
•,6 .
Before M˙fb ≤ M˙Edd, the disk can still be warped, and
the warp may propagate back and forth steadily inside
the disk if α . H/R (the bending wave regime; see
Nelson & Papaloizou 1999). The behavior of the warp
as a function of radius and time has been studied ex-
tensively, and it is quite well understood in the diffusive
regime (α > H/R) though there are still lots of work
to do in the bending wave regime (see Nixon & King
2016, for a review). For the disk formed by a TDS, how-
ever, the warp could be small. It is therefore reasonable
to assume that the disk angular momentum at different
radii has the same direction at least in the initial super-
Eddington stage (see Franchini et al. 2016), though fur-
ther studies are needed to confirm this. In this case, the
disk is assumed to precess globally as a rigid body with
a frequency (Franchini et al. 2016; Stone & Loeb 2012)
Ωp =
∫ rout
rin
ΩLTL(r)2pirdr∫ rout
rin
L(r)2pirdr
, (12)
where the local LT precession frequency ΩLT =
c3(4ar−3/2 − 3a2r−2)/2GM•(r
3/2 + a). If a TDS disk
orbits on a plane with normal direction (θ′, φ′) in the
Ox′y′z′ frame at time t, after a time-step δt, φ′ becomes
φ′(t+ δt) = φ′(t) + Ωpδt due to global precession, while
θ′ keeps the same.
(ii) Alignment: An initial inclined disk will be grad-
ually dragged to the equatorial plane of the MBH ow-
ing to the disk viscosity, leading to an alignment be-
tween the angular momenta of the disk and MBH.
Franchini et al. (2016) have shown that the alignment
timescale tal depends on the MBH mass and spin, and
they find that their results are consistent with that ob-
tained by the method provided in Foucart & Lai (2014).
Franchini et al. (2016) showed that tal ∝ 10
−3.7a for
107M⊙ MBHs in their Figure 12, and we further find that
tal ∝M
0.35
• according to Equation (35) in Foucart & Lai
(2014). Combining the above two results, tal can be ap-
proximated as
log(tal/day) ∼ −3.7a+ 3.9 + 0.35(logM•,6 − 1), (13)
for a disk with a fixed viscosity parameter α = 0.1.4
The alignment timescale can range from days to years
depending on the MBH spin, and the higher the spin,
the faster the alignment. The viscous time [tvis ∼
α−1(GM•/R
3)−1/2(H/R)−2] at the outer disk edge is
on the order of years for the super-Eddington stage
(Strubbe & Quataert 2009), which could be longer or
comparable to the alignment timescale. The time for
the accretion rate to decline to sub-Eddington value is
about the same order, which means the disk could still
be inclined in some cases when the disk becomes thin
and enters the diffusive regime.
With the assumptions made above, the projected disk
angular momentum per unit area in the x′y′-plane ap-
4 According to Franchini et al. (2016), tal ∝ α
−1. Therefore,
we have also checked whether our results on the spin distributions
are affected by choosing a different α and find that choosing an α
a few times smaller or larger introduces insignificant effect to the
resulting spin distributions.
proximately evolves as
L′xy = L
′
xy,0 exp(−t/tal), (14)
where L′xy,0 is the initial value (Franchini et al. 2016).
2.1.3. Numerical method to solve the MBH spin evolution
equation
In this sub-section, we introduce the numerical method
to solve Equation (1), and Equation (2) or (3). As dis-
cussed above, the disk formed by each TDS is initially
thick in geometry due to super-Eddington accretion. In
this stage, the disk is assumed to precess globally and
gradually align with the MBH equatorial plane. After
that, the disk becomes thin when the accretion rate de-
clines to M˙Edd, and there are two possibilities: (1) the
disk angular momentum is already aligned with the MBH
spin; (2) the disk is not aligned yet and will be warped
under the diffusive regime. For the second case, if the
warp radius exceeds the disk size, then the disk angular
momentum is assumed to be simultaneously aligned with
the MBH spin. Following Perego et al. (2009), the rapid
temporal evolution of the warped disk is separated from
the longer temporal evolution of the MBH. In particu-
lar, the disk is assumed to transit through a sequence of
steady states over a period of nδt < t < (n + 1)δt be-
fore the alignment of disk and MBH angular momenta
(adiabatic approximation). Here δt ≪ tal, and n is an
integer of 0, 1, 2, .... Within each time-step δt, the incli-
nation angle i is approximately unchanged, and Ein and
Lin can be estimated according to the array obtained in
Section 2.1.1.
The spin direction of an MBH is described by θ• and
φ• with respect to the observer in the Oxyz frame.
Then the MBH angular momentum can be expressed as
J = (Jx, Jy, Jz) = J(sin θ• cosφ•, sin θ• sinφ•, cos θ•),
and J′ can be related to J by a rotation matrix Rij
(i, j=1, 2, 3), i.e., J′ = JR = [0, 0, J ]. Similarly, for a
TDS orbiting with angular momentum direction θ and φ
relative to the observer, the angular momentum per unit
area is described by L = L(sin θ cosφ, sin θ sinφ, cos θ),
and L′ = Llˆ′ = LR, from which the unit vector
lˆ
′ = (lˆ′x, lˆ
′
y, lˆ
′
z) can be derived. This corresponds to
an inclination angle i = θ′ = arccos(lˆ′z) between the
disk and MBH angular momenta, and an azimuthal an-
gle φ′ = arccos
(
lˆ′x/
√
lˆ′2x + lˆ
′2
y
)
in the Ox′y′z′ reference
frame.
Considering Equation (2) in the Ox′y′z′ frame, within
δt, the spin change in terms of three components δJ′ =
(δJ ′x, δJ
′
y, δJ
′
z) can be calculated through
δJ ′x ≈ δt
[
M˙rgcLinlˆ
′
x +
4piGJ
c2
∫
disk
L′y(r)
r2rg
dr
]
,
δJ ′y ≈ δt
[
M˙rgcLinlˆ
′
y −
4piGJ
c2
∫
disk
L′x(r)
r2rg
dr
]
,
δJ ′z ≈ δt
[
M˙rgcLinlˆ
′
z
]
.
(15)
The spin variation in the observer’s Oxyz frame can be
obtained via δJ = δJ′R−1. In the next time-step, φ′
of the disk angular momentum is updated due to the
global precession, and the inclination angle i is updated
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Fig. 2.— Spin evolution due to consecutive accretion of TDSs for
an MBH with initial conditions of M•,0 = 105M⊙ and a0 = 0.998.
The MBH mass is used as a surrogate of accretion time.
owing to the exponential decline of L′xy with time (see
Section 2.1.2), i.e.,
i = arccos
(√
1− L′2xy/L
′2
)
. (16)
This leads to an update of lˆ′ = (sin i cosφ′, sin i sinφ′,
cos i), and Equation (15) is solved once again. The above
procedures are repeated until | cos i′| is close to 1 or the
accretion rate falls below the Eddington limit.
If the disk angular momentum is still not aligned with
the MBH spin when M˙fb < M˙Edd, then the disk enters
the diffusive regime and warps. The disk is maximally
warped at around the warp radius rwarp (see Perego et al.
2009, for detailed expression of rwarp ). If the disk size is
larger than rwarp, then the spin evolution is still described
by Equation (2), where lˆ is now parallel with the MBH
spin. The analytical solution for the disk profile that de-
scribes how the disk is warped at different radii is given
in Martine et al. (2007) relative to the MBH coordinate,
and the analytical expression of the torque term in Equa-
tion (2) is directly given by Perego et al. (2009, see their
Appendix) in the Ox′y′z′ frame, which is then rotated
back to the Oxyz frame. However, if the warp radius ex-
ceeds the disk size, i.e., rwarp > rout, which means there
is no warp in the disk, then the MBH and the disk are
assumed to be instantaneously aligned (or anti-aligned)
with each other (for the criterion for anti-alignment, see
Section 2; see also King et al. 2005). For both cases, the
second term on the r.h.s. of Equation (2) reduces to 0.
Then we only need to solve Equation (3) governing the
spin magnitude evolution, and the spin direction is re-
aligned to that of Jdisk + J•. For the TDS accretion,
rwarp > rout is frequently satisfied when M˙fb < M˙Edd.
Figure 2 shows the spin evolution of an MBH with its
mass increase due to consecutive accretion of TDSs. Here
we only show the evolution of the absolute spin value |a|,
though the spin direction also evolves with time. The
orbital orientations of the injected TDSs are assumed to
be randomly distributed, which can result in almost the
same probability for initial prograde and retrograde ac-
cretion.5 About half of the TDSs should be accreted onto
the central MBH via prograde direction and the MBH
spin increases during each of those accretion events. The
other half are accreted onto the MBH via retrograde di-
rection and the MBH spin decreases in this case. The
injection of negative angular momentum is more efficient
than that of the positive one because the inner disk radius
for a retrograde orbit is larger than that for a prograde
orbit (see Fig. 1). Therefore, the MBH spin appears to be
quickly spun down to ∼ 0 when the MBH mass increases
by a factor of ∼ 2 due to consecutive accretion of TDSs.
During the period of a single prograde TDS accretion,
the MBH spin does increase, but the total amount of the
accreted mass in a single prograde TDE is too small and
thus the spin increase is too slight to be clearly shown in
Figure 2.
2.2. Chaotic accretion via thin disk
AGN-like nuclear activities may contribute signifi-
cantly to the growth of MBHs with mass ∼ 106M⊙, as
many AGNs are detected with central MBH mass around
this value. Therefore, we also consider their effects on the
spin evolution of the central MBHs.
Observations of maser disks, molecular clouds, and
Galactic star clusters may provide clues about the
gas-cloud mass in individual AGN accretion episode.
The sub-pc maser disk in NGC 4258, with a ∼
4 × 107M⊙ MBH (Menezes et al. 2018), is estimated
to have a mass in the range from ∼ 104M⊙ to
∼ 106M⊙ (e.g., Herrnstein et al. 1998, 2005). IC
2560 hosts a ∼ 3 × 106M⊙ MBH and a maser disk
of size ∼ 0.2 pc (Yamauchi et al. 2012). Accord-
ing to the estimated accretion rate of IC 2560 (∼
10−5M⊙ yr
−1; Ishihara & Nakai 2002), the disk mass is
about 104M⊙ assuming the standard thin disk model
(Shakura & Sunyaev 1973). For the 4 × 106M⊙ MBH
in our own Galactic center, observations suggest that
it was active six million years ago and the mass of
the disk in that accretion episode is & 104M⊙ (e.g.,
Nayakshin & Cuadra 2005; Levin & Beloborodov 2003;
Paumard et al. 2006; Lu et al. 2009). In addition, star
clusters in the Galactic center such as Arches and
Quintuplet are found to have mass of ∼ 104M⊙ (e.g.,
Figer et al. 1999; Habibi et al. 2013). Dynamical sim-
ulations also suggests that the underlying stellar mass
of Arches is well within 104M⊙ and 10
5M⊙ (e.g.,
Harfst et al. 2010). These findings indicate that the
molecular clouds which later collapse and form those
star clusters probably have the masses & 104M⊙. More-
over, observations found that the molecular clouds in our
Milky Way typically have masses ∼ 104-106M⊙ (for a re-
view see Heyer & Dame 2015).
The above lines of observational constraints on gas-
cloud and disk masses may suggest that the gas-cloud
mass in each AGN accretion episode is in the range
of 104-106M⊙. One may note that the accretion disk
may not be too massive, otherwise it may fragment into
clumps against its own gravity (Kolykhalov & Sunyaev
1980; Goodman 2003; King & Pringle 2007). The self-
5 Note that the cross section for the tidal disruption of retrograde
stars around rapidly rotating MBHs can be somewhat larger than
that of prograde stars (Beloborodov et al. 1992), which may lead
to even more significant spin-down effect.
7gravitating disk mass Msg can be estimated via the
Toomre’s Q criterion, i.e., the disk size is limited by the
fragmentation radius where Q ∼ csΩ/piGΣ = 1, with cs
the sound speed, Ω the Keplerian angular velocity, and
Σ the disk surface density. This results in an upper limit
on the disk mass (Dotti et al. 2013), i.e.,
Msg ≈ 2× 10
4α
−1/45
0.1
(
fEdd
η0.1
)4/45
M
34/45
•,6 M⊙, (17)
where α0.1 = α/0.1 and η0.1 = η/0.1.
If the cloud mass is about 104 − 105M⊙, either or not
regulated by self-gravity, then the growth history of an
MBH with final mass & 106M⊙ should have a number of
or many AGN accretion episodes if the contribution of
these phases to the mass growth is significant, and the
accretion in different AGN episodes is probably chaotic,
i.e., with randomly distributed inclination angles relative
to the MBH spin. We therefore consider the following
cases for disk mass in the AGN episodes.
(i) The whole gas-cloud collapse and form an accretion
disk without mass loss, i.e., Mdisk = Mcl, where Mcl is
set to be constant 104M⊙ or 10
5M⊙ for all MBHs.
(ii) The disk mass is regulated by self-gravity, i.e.,
Mdisk = min(Mcl, Msg), where Mcl is 10
4M⊙ or 10
5M⊙
for all MBHs, or randomly drawn from a flat distribution
between 104M⊙ and 10
5M⊙ in the logarithmic space.
For both cases, the gas-cloud in each episode is as-
sumed to fall in with random directions, and similar
to the disk formed by TDSs, initially Jdisk has an az-
imuthal angle φ randomly distributed, and a polar angle
θ drawn from a distribution proportional to sin θ. The
disk is assumed to be described by the standard thin
disk model, and the radial and vertical shear viscosities
follow a power law, i.e., ν1 ∝ r
3/4 and ν2 ∝ r
3/4. For
radial viscosity ν1, the α prescription is adopted with
α = 0.09, and the main properties of the disk are de-
tailed in Perego et al. (2009) and Dotti et al. (2013).
Similar to the late stage of sub-Eddington accretion of
TDSs described in Section 2.1, the mass and spin evo-
lution of MBHs are obtained by solving Equation (1)
and Equation (2) or (3) with adiabatic approximation
(Perego et al. 2009). The Eddington ratio fEdd in Equa-
tion (1) mainly determines the mass growth rate and has
little effect on the spin-mass evolutionary curves. We
therefore assume a constant fEdd of 0.3 for the gas-cloud
accretion. As the inner disk is bent to the MBH equato-
rial plane due to the Bardeen-Petterson effect, lˆ in Equa-
tion (2) is parallel to the MBH spin, and the ISCO is the
value for equatorial thin disks.
Figure 3 shows the spin evolution due to chaotic accre-
tion of gas clouds. The cloud mass is set to be constant
104M⊙ or 10
5M⊙ across the accretion history, and the
disk mass is either or not capped by the self-gravitating
mass.For an initially non-rotating MBH of 105M⊙, all of
the cases show an initial sharp increase in spin, which is
due to quick alignment of MBH spin to the disk angular
momentum (even if the disk is initially counter-rotating),
because the disk angular momentum dominates over the
MBH spin at the beginning (see also Dotti et al. 2013).
With the growth of MBHs, J• becomes comparable with
Jdisk and the alignment time becomes significant with
respect to the accretion time. This results in a decrease
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Fig. 3.— Spin evolution due to chaotic accretion of gas-cloud
for initially non-spinning MBHs with M•,0 = 105M⊙. The red
and blue solid (or dotted) lines are for a gas-cloud mass of 105M⊙
and 104M⊙ in each gas-cloud accretion episode without (or with)
consideration of disk self-gravity.
in spin more or less due to the more effective injection of
negative angular momentum by counter-rotating disks.
The spin-down effect is more prominent for low-mass
clouds (104M⊙), because the alignment of MBH spin to
disk angular momentum is less efficient. If we compare
the alignment timescale tal (Perego et al. 2009) with the
disk-consumption time tacc in each episode, we find that
tacc/tal ∼ 5Mcl,4M
−33/35
•,6 by neglecting some unimpor-
tant terms. For MBHs of ∼ 105M⊙, tacc/tal ≫ 1, and the
alignment is efficient even for low-mass clouds (104M⊙).
The disk mass and size are crucial to the second term of
Equation (2) and determines how efficient the alignment
is. The larger the disk mass is, the higher spin the MBH
maintains. Considering the self-gravity of disks does not
make much difference to the spin evolution for the case
with Mcl = 10
4M⊙ though it does introduce some effect
to the case with Mcl = 10
5M⊙ because Msg is substan-
tially smaller than Mcl only when Mcl exceeds 10
5M⊙ at
M• ∼ 10
6M⊙ (Fig. 3, and see also Fig. 11 in Zhang & Lu
2019).
3. MODEL SETTINGS AND MODEL RESULTS
We consider MBHs all with assumed initial masses of
M•,0 = 10
5M⊙, initial spins of a0 = 0.5,
6 and final
masses of M•,f = 10
6.5M⊙. They experience accretion
of both gas-clouds and TDSs. During the period of gas-
cloud accretion, they appear as AGNs. Our model in-
volves two parameters, i.e., fTDE and Mcl, as detailed
below.
(1) The parameter fTDE denotes the fraction of mass
growth of the final MBH contributed by TDSs, i.e.,
fTDE ≡ ∆M•,TDE/(M•,f−M•,0) with∆M•,TDE the total
mass increase contributed by TDS accretion. In reality
fTDE may not be a constant but depend on the MBH
mass and/or the environment. However, how fTDE ex-
plicitly depends on MBH mass is currently unknown. As
6 We have checked and found that choosing a different initial
spin distribution does not significantly affect the results presented
in this paper.
8the main focus of this paper is to demonstrate the ef-
fect of accreting TDSs on the spin evolution of low mass
MBHs (∼ 106M⊙), it is reasonable to assume a constant
fTDE, at least as the mean value. Therefore, we consider
three cases with fixed values of fTDE for all MBHs, i.e.,
fTDE = 0.1, 0.5, and 0.9, respectively. These three cases
correspond to that the gas-cloud accretion dominates the
MBH growth, the accretion of gas-cloud and TDSs are
equally important, and the TDS accretion dominates the
MBH growth, respectively. It is also plausible that fTDE
is different for MBHs with the same mass due to their
different environments. For this reason, we also consider
a case with fTDE randomly distributed between 0.1 and
0.9 for those MBHs.
(2) The parameterMcl denotes the gas-cloud mass avail-
able in each gas-cloud (AGN) accretion episode. Our
models assume that Mcl is either fixed at 10
4M⊙ or
105M⊙ for each gas-cloud accretion episodes of all the
MBHs, or it is randomly distributed over 104M⊙ and
105M⊙ for different episodes of each MBH. For those
fixed Mcl models, the disk is either or not regulated by
self-gravity (for these settings, see discussions on obser-
vational results in Section 2.2).
For an MBH with fixed Mcl during its accretion his-
tory, the number of gas-cloud accretion episodes is calcu-
lated throughNcl = int[(1−fTDE)(M•,f−M•,0)/Mcl]+1.
We assume that each MBH starts with accreting TDSs
and we ignore the intervals between any two adjacent
accretion episodes. The gas-cloud accretion episodes are
randomly injected into the growth history of an MBH.
Specifically, we produce Ncl random numbers between
M•,0 andM•,f . With the growth of the MBH due to TDS
accretion, once the mass reaches any one of those random
values, it starts a gas-cloud accretion episode and the
TDS accretion is switched off. This gas-cloud accretion
episode ends when the gas-cloud is all consumed, and
the TDS accretion is then switched on again until the
MBH mass reached another random number produced
above and another gas-cloud (AGN) accretion episode is
switched on.
For those cases considering disk self-gravity, the num-
ber of gas-cloud accretion is different even for accretion
histories with the same fTDE since Msg is dependent on
the MBH mass. In the modeling, we randomly produce
1, 2, 3, ... random numbers between M•,0 and M•,f , cal-
culate Msg and Mdisk = min(Msg,Mcl) for each random
number produced, and get the sum of those disk masses.
The above procedures are terminated once the summa-
tion of the disk masses exceeds (1− fTDE)(M•,f −M•,0).
Then the accretion history of the MBH is known, i.e.,
when the MBH starts a period of gas-cloud accretion, and
how massive the disk mass is in each episode. Therefore,
different models have different numbers of gas-cloud ac-
cretion episodes. For a model even with a fixed Ncl, the
accretion histories of individual MBHs are still different
from each other since the TDS and gas-cloud accretion
episodes are injected into the accretion history randomly
and each with a random orientation (see Section 2).
According to our settings, we have 20 models in total
(see Table 2). For each model, we calculate the mass and
spin evolution for 500 MBHs according to the methodol-
ogy described in Section 2. From each of the evolution-
ary curve, we randomly select 1000 mock AGNs with
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Fig. 4.— Examples of spin evolutionary curves. The gas-cloud in
each AGN accretion episode is 104M⊙ (105M⊙) in the top (bot-
tom) panel, and the solid (or dotted) lines in each panel are for
disks without (or with) consideration of self-gravity. The fraction
of MBH mass growth contributed by TDSs is set as 10% (red), 50%
(cyan), or 90% (blue).
M• ∼ 10
5.5−106.5M⊙, and we also randomly select 1000
mock TDEs with the same mass range. According to
these procedures, the differential spin distribution of the
MBHs in both the mock AGNs and TDEs can be ob-
tained, i.e., dn/da = N−1tot∆N/∆a. Here Ntot = 500, 000
is the total number of objects included in the mock sam-
ple(s), and ∆N is the number of MBHs with spins be-
tween a and a+∆a.
Figure 4 shows some spin evolutionary curves, as ex-
amples, for MBHs experiencing both TDS and AGN ac-
cretion episodes, with different fTDE and Mcl, and with
or without consideration of self-gravity in the gas-cloud
accretion phase. As shown in this figure, those MBHs are
spun up in the episodes of gas-cloud accretion and the
MBH spins can increase to large values in a single gas-
cloud accretion episode when the disk is massive (e.g.,
105M⊙) and the disk self-gravity is ignored, while the
MBHs are spun down significantly after the accretion of
a large number of TDSs. This is because each TDS adds
at most∼ 0.5M⊙ to the MBH mass, while a gas-cloud ac-
cretion episode adds ∼ 104-105M⊙. Therefore, the angu-
lar momentum of the TDS is tiny compared to the MBH
spin, and the probability of co- or counter-alignment to
the MBH spin is essentially the same for the disk angular
momentum. Gas-clouds, however, have much higher (or-
bital) angular momenta, which can dominate over that
of the MBH, and therefore the MBH spin tends to co-
align with the disk angular momentum. For a larger
Mcl (> 10
5M⊙), the alignment of the MBH spin to the
disk angular momentum is more efficient, and the spin
can reach even higher values in a single chaotic accretion
episode. How the MBH spin evolves depends on the rel-
9TABLE 1
Spin measurements of individual AGNs via Fe Kα lines.
Object name M•(106M⊙) Spin
1H 0707-495 ∼ 2.3 > 0.97
Ark 564 ∼ 1.1 0.96+0.01−0.07
MCG 6-30-15 2.9+1.8−1.6 > 0.98
Mrk 359 ∼ 1.1 0.66+0.30−0.54
NGC 1365 ∼ 2 ≥ 0.84
NGC 4051 1.91 ± 0.78 > 0.99
Note. — This table lists those individual AGNs with spin mea-
surements that have MBH mass in the range of 106 − 106.5M⊙,
selected from Brenneman (2013) and Reynolds (2014). Refer-
ences for those spin measurements are Zoghbi et al. (2010) for
1H 0707-495, Walton et al. (2013) for Ark 564 and Mrk 359,
Brenneman & Reynolds (2006) for MCG 6-30-15, Risaliti et al.
(2013) for NGC 1365, and Patrick et al. (2012) for NGC 4051,
respectively. The mass measurements for them are adopted
from Zhou & Wang (2005) (1H 0707-495, Ark 564 and Mrk 359),
McHardy et al. (2005) (MCG 6-30-15), Risaliti et al. (2009) (NGC
1365), and Peterson et al. (2004) (NGC 4051).
ative contribution from accretion of TDSs to the MBH
mass growth. If fTDE = 0.1, the MBH spin can main-
tain at high values at later stages when M• & 10
6M⊙;
if fTDE = 0.9, the MBH spin may be always close to 0
whenM• & 10
6M⊙. However, if considering the disk self-
gravity, the probability for MBHs to be spun up to large
values may be significantly suppressed in a single gas-
cloud accretion episode, especially for those cases with
Mcl & 10
5M⊙, because the disk mass is limited to about
Msg ∼ 10
4M⊙ at M• ∼ 10
6M⊙. This would lead to a
lack of mock MBHs with spins close to the maximum
spin value as will be shown in Figure 6.
Figure 5 shows differential (top panels) and cumulative
(bottom panels) distributions of spins for those mock
samples of MBHs selected in the gas-cloud (AGN) ac-
cretion episodes, according to the mass and spin evo-
lutionary curves obtained from our simulations by set-
ting different fTDE andMcl without consideration of disk
self-gravity. Here we show both the prograde-spin accre-
tion (a > 0) and retrograde one (a < 0). It appears
that retrograde-spin accretion is almost negligible for all
models simply because the alignment timescale is short
and anti-alignment cases rarely occur. If Mcl = 10
4M⊙
(left panels), the MBH spin distribution peaks at high
(∼ 0.6− 1), intermediate (∼ 0.4), and low values (∼ 0.1)
for those cases with fTDE = 0.1, 0.5, and 0.9, respec-
tively, while the MBH spins cover a broad range from 0
to 1 and the distribution is roughly flat from 0.2 to 0.6
when fTDE is randomly distributed between 0.1 and 0.9.
If Mcl = 10
5M⊙ (right panels), the spin increase dur-
ing a single AGN episode is more significant than that
for Mcl = 10
4M⊙. Therefore, the resulting spin distri-
butions shift towards higher spin values compared with
those corresponding cases of Mcl = 10
4M⊙, although
the accretion of TDSs is still efficient in slowing the ro-
tation of the central MBH. In the case of Mcl = 10
5M⊙,
the spin distribution peaks at a value close to 1 with a
skewed wing towards 0 when fTDE = 0.1, 0.5, or ran-
domly distributed between 0.1 and 0.9, while the spins
concentrate at lower values . 0.3 when fTDE = 0.9. The
median spin values of those mock AGNs generated with
different model parameters (fTDE, Mcl) are listed in Ta-
ble 2, which will be compared with the simulation results
obtained in Section 4.
According to the comparison between the left and right
panels of Figure 5, choosing an Mcl substantially larger
than 105M⊙, which means only one or a few gas-cloud
(AGN) accretion episodes, will lead to the spins more
concentrated at higher values for fTDE = 0.1, 0.5, or
fTDE randomly distributed over the range from 0.1 to
0.9, and the peak of spin distribution resulting from the
case with fTDE = 0.9 shifts towards an even higher value.
For comparison, we plot Figure 6 to show the results for
those cases with disk mass capped by the self-gravity con-
straint, considering a constant gas-cloud mass of 104M⊙
or 105M⊙ for all MBHs, or a gas-cloud mass randomly
selected in the range of 104-105M⊙ for each AGN accre-
tion episode. All of these cases show similar spin distri-
bution as that for Mdisk = Mcl = 10
4M⊙ (left panels in
Fig. 5). This is because Msg is comparable to Mcl when
M• ∼ 10
6M⊙ as mentioned above to explain Figure 4. If
considering disk self-gravity, a gas-cloud with mass much
larger than 104M⊙ forms a disk of ∼ 10
4M⊙. This is the
reason why the spin distribution indicated by the thick
red dotted-line in the right panel of Figure 6 does not
peak at ∼ 1, apparently different from the one without
considering the disk self-gravity (thin red dotted-line).
Note that in our models we do not set gas-cloud mass
. 103M⊙ as observations hint larger disk mass (see dis-
cussion in Section 2.2). However, if the gas-cloud mass is
smaller than 103M⊙ and the disk-to-MBH mass ratio is
. 10−3 for ∼ 106M⊙ MBHs, then MBHs cannot be spun
up to large values (e.g., . 0.4; see the analytic analysis in
King et al. 2008 and Fig. 11 in Zhang & Lu 2019) either
in a single gas-cloud accretion episode or after a large
number of chaotic accretion episodes, and this will result
in a spin distribution oscillating around a small value
with a scatter determined by the disk-to-MBH mass ra-
tio and fTDE (e.g., see Figs. 3 and 4 in King et al. 2008).
Our calculations further show that significant TDS ac-
cretion would lead to not only smaller spins but also a
narrower spin distribution for a given disk-to-MBH mass
ratio, i.e., the larger the fTDE, the smaller the spin val-
ues and its scatter, which is basically the difference that
may be used to distinguish TDS accretion from small
gas-cloud (with mass & 103M⊙) accretion (e.g., Figs. 5
and 7).
Figure 7 shows differential and cumulative distribu-
tions of spins for those mock samples of MBHs selected
in the TDS accretion phases, also according to the mass
and spin evolutionary curves obtained from our simula-
tions by setting different fTDE and Mcl without consid-
eration of disk self-gravity. Now the prograde and ret-
rograde spins are almost symmetrically distributed. The
reason is that the alignment timescale is short and the
probability for anti-alignment is almost the same as that
for alignment because |Jdisk| is much smaller than |J•|.
For those cases with Mcl = 10
4M⊙ (left panels), the
spin distribution peaks at ±0.1, ±0.4, and ±0.7 when
fTDE = 0.9, 0.5, and 0.1, respectively, while it covers a
broad range from -1 to 1 and the distribution is rather
flat in the range of 0.2 < |a| < 0.6 when fTDE is ran-
domly distributed between 0.1 and 0.9. For those cases
with Mcl = 10
5M⊙ (right panels), the spins |a| are more
concentrated at high (& 0.8) or low values (. 0.2) when
fTDE = 0.1 or 0.9, while it is close to a flat distribu-
tion over the range from 0 to 1 when fTDE = 0.5 or
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Fig. 5.— Differential (upper panels) and cumulative (lower panels) spin distributions of those mock MBHs “detected” in the gas-cloud
(AGN) accretion episodes obtained from simulations for different models. Left (right) panels represent models with fixed cloud mass of
104M⊙ (105M⊙) in each AGN episode. The fraction of MBH mass growth due to TDS accretion is set as 10% (red dotted), 50% (cyan
dashed), 90% (blue dot-dashed) or randomly distributed between 10% to 90% over different MBHs (solid magenta). The black line shows
the cumulative spin distribution inferred from spin measurements listed in Table 1, where the errors have been taken into account. The
open circles represent the constraints on the effective spin obtained from the stacked X-ray spectrum of 51 NLS1s, i.e., a < 0.81 or < 0.66
at the 90% confidence level, presented in Liu et al. (2015).
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Fig. 6.— Legend similar to Figure 5. Thick curves in each panel represent the results obtained from those models by considering the
self-gravity regulation of the disks in the gas-cloud accretion episodes, i.e., Mdisk = min(Msg, Mcl) (see Table 2). Left and right panels
show the cases with assumption of Mcl = 10
4M⊙ and 105M⊙, respectively; middle panels show the cases with assumption of Mcl randomly
distributed over 104M⊙ and 105M⊙. For comparison, the results shown in Fig. 5 for models without considering the self-gravity regulation
of the disks are also correspondingly shown here by thin curves in the left and right panels.
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TABLE 2
Median spin values of mock AGNs with mass ∼ 106M⊙ predicted from our models and the effective spins obtained from
the stacked ‘NLS1’ X-ray spectra assuming the model spin distributions.
fTDE Mcl(M⊙)
Without SG With SG
med-Spin eff-Spin med-Spin eff-Spin
0.1 104 0.83+0.11−0.15 0.67
+0.27
−0.49 0.80
+0.09
−0.13 0.77
+0.20
−0.40
0.5 104 0.44+0.13−0.09 0.50
+0.35
−0.41 0.44
+0.06
−0.06 0.31
+0.33
−0.31
0.9 104 0.11+0.05−0.04 0.27
+0.40
−0.27 0.11
+0.04
−0.03 0.21
+0.34
−0.21
ran(0.1-0.9) 104 0.44+0.28−0.26 0.50
+0.34
−0.40 0.42
+0.23
−0.25 0.37
+0.37
−0.22
0.1 105 0.99+0.01−0.05 0.71
+0.29
−0.46 0.82
+0.07
−0.08 0.69
+0.22
−0.34
0.5 105 0.68+0.28−0.25 0.60
+0.31
−0.49 0.46
+0.08
−0.14 0.43
+0.21
−0.34
0.9 105 0.20+0.21−0.11 0.21
+0.40
−0.21 0.11
+0.05
−0.05 0.23
+0.30
−0.23
ran(0.1-0.9) 105 0.72+0.27−0.40 0.53
+0.32
−0.50 0.46
+0.24
−0.25 0.50
+0.32
−0.34
0.1 ran(104-105) · · · · · · · · · · · · 0.80+0.08−0.11 0.71
+0.25
−0.30
0.5 ran(104-105) · · · · · · · · · · · · 0.45+0.09−0.10 0.49
+0.22
−0.30
0.9 ran(104-105) · · · · · · · · · · · · 0.12+0.05−0.05 0.21
+0.28
−0.21
ran(0.1-0.9) ran(104-105) · · · · · · · · · · · · 0.50+0.22−0.26 0.40
+0.35
−0.40
Note. — The first two columns list the model parameters fTDE and Mcl, respectively. The third column lists the median values of the
spin distributions resulting from each model (in terms of fTDE and Mcl) with Mdisk = Mcl, without considering of disk self-gravity and
fragmentation. The fourth column lists the effective spin obtained from the simulation for the stacked X-ray spectrum of 51 mock NLS1s
similar to that in Liu et al. (2015) by assuming that NLS1s have relativistically broadened Fe Kα emission and the spin distribution of
those NLS1s are the same as that from our model in the third column (see Section 4). The fifth and sixth columns list the median and
effective spin values resulting from the models with the same fTDE and Mcl as those for the third and fourth columns, but considering the
disk self-gravity and fragmentation in the model (i.e., Mdisk = min(Mcl,Msg)). The superscript and subscript numbers associated with
each spin value represent the 16th and 84th percentiles.
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Fig. 7.— Differential (upper panels) and cumulative (lower panels) spin distributions of those mock MBHs “detected” in the TDS
accretion phases obtained from simulations for different models. Each of the lines in both the left and right panels represents for a model
with Mcl and fTDE the same as that shown in Fig. 5.
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Fig. 8.— Legend similar to Figure 7. Thick curves in each panel represent the results obtained from those models by considering the
self-gravity regulation of the disks in the gas-cloud accretion episodes, i.e., Mdisk = min(Msg, Mcl) (see Table 2). Left and right panels
show the cases with assumption of Mcl = 10
4M⊙ and 105M⊙, respectively; middle panels show the cases with assumption of Mcl randomly
distributed over 104M⊙ and 105M⊙. For comparison, the results shown in Fig. 7 for models without considering the self-gravity regulation
of the disks are also correspondingly shown here by thin curves in the left and right panels.
fTDE is randomly set over the range from 0.1 to 0.9 for
MBHs. By comparing the same type of lines shown in
Figures 5 and 7 and thus the same model parameters
(fTDE,Mcl), we can see that MBHs “detected” at the
gas-cloud (AGN) accretion episodes have relatively high
spins compared with those MBHs detected in the TDS
accretion phase for fTDE & 0.5. For example, for the
case of Mcl = 10
4M⊙ and fTDE = 0.1 (0.5), half of those
mock MBHs in the gas-cloud (AGN) accretion episodes
have spins |a| > 0.83 (0.45), while only about 7% (28%)
of mock MBHs in the TDS accretion phase have spins
|a| > 0.83 (0.45) (see the red dotted and cyan dashed
lines in the left-bottom panel of the two figures). The
reason is that the decrease of MBH spin during the pe-
riod of consecutive TDS accretion is more rapid than the
increase of MBH spin during the AGN period when the
spin is large (see Fig. 4).
Similarly, considering the self-gravity of disks during
the AGN episodes results in similar spin distribution (see
Figure 8) for MBHs “detected” in TDE phase as that for
Mdisk = Mcl = 10
4M⊙ (left panels in Figure 7. Choosing
an Mcl much larger than 10
4M⊙ does not affect the spin
distribution when considering self-gravitating disks.
To close this section, we note here that the MBH accre-
tion history assumed in our models is described by only
two parameters, which may be too simple to reflect the
reality. However, the quantitatively investigation pre-
sented in the present paper on how the spin evolution is
affected by the amount of mass contributed by TDSs may
provide a first step for future more detailed and more re-
alistic studies. With such a framework, future measure-
ments of MBH spins may be used to put constraints on
the significance of TDSs accretion to ∼ 106M⊙ MBHs
and also properties of gas-clouds in the AGN accretion
episodes.
4. IMPLICATIONS FROM CURRENT SPIN
MEASUREMENTS
The spins of more than two dozen MBHs have been
estimated through the profile of relativistic Fe Kα lines
detected in their X-ray spectra. According to Brenneman
(2013) and Reynolds (2014), six MBHs with spin mea-
surements from the Fe Kα line have masses in the range
of 106 − 106.5M⊙. Most of these MBHs have high
spins, i.e., a > 0.99, > 0.98, > 0.97, 0.96+0.01−0.07, and
≥ 0.84 for NGC4051, MCG 6-30-15, 1H 0707-495, Ark
564, and NGC 1365, respectively. Only the small MBH
(∼ 1.1× 106M⊙) in Mrk 359 may have a relatively small
spin of 0.66+0.30−0.54 (see Table 1). The cumulative distri-
bution of those spin measurements is also shown in the
bottom panels of Figure 5 and 6 (the black curve). To
obtain this cumulative spin distribution, we have taken
account of the error budgets of each spin measurement
listed in Table 1. For each of the four objects with lower
limits at 90% confidence level, we assume its spin has 90%
probability to distribute uniformly in between the lower
limit and the maximum spin value 0.998, and 10% proba-
bility to distribute uniformly in between −0.998 and the
lower limit. For each of the two spin measurements with
asymmetric errors, we assume two half-Gaussians for the
spin probability distribution, with the two error values
the dispersions of the two Gaussian distributions, and we
also adopt the cut |a| ≤ 0.998. A consensus on the relia-
bility of these spin measurements may still not be reached
(e.g., Done & Jin 2016), but if these measurements are
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accurate as believed and if there is no significant selec-
tion bias, then it may suggest that the contribution from
TDS accretion to the growth of 106 − 106.5M⊙ MBHs
is not very significant (. 10%; see the bottom panels of
Fig. 5 and 6).
However, the Fe Kα line profile measured from the
stacked X-ray spectrum of 51 NLS1s indicates that the
effective spin value of the MBHs in those NLS1s must
be < 0.81 and may be even < 0.66 (at 90% confidence
level) as shown in Liu et al. (2015). The two open cir-
cles with left arrows marked in Figure 5 and 6) show
such constraints. As seen from Figure 5, apparently, the
low effective spin may suggest that the contribution from
the accretion of TDSs to the MBH growth must be com-
parable to or even more significant than that from the
gas-cloud (AGN) accretion episodes.
To make this comparison more clear, we further sim-
ulate X-ray spectra of 51 mock AGNs similar to that in
Liu et al. (2015). The X-ray spectral model used in our
simulations consists of an absorbed power-law continuum
and a broad Fe Kα line. The parameters of the contin-
uum model for each mock AGN are taken from the best-
fitting result of Liu et al. (2015) for each of those NLS1s.
The broad Fe Kα line emission is generated by assuming
a spin randomly drawn from the spin distribution result-
ing from each of the 20 models listed in Table 2 (see also
Fig. 5and 6)). The inclination of the disk in the broad-
line model is fixed at 30◦. The equivalent widths (EWs)
of the broad lines are randomly drawn from a proba-
bility distribution constructed from the measured EW
values for the two dozen sources with spin measurements
listed in Brenneman (2013, two sources with extremely
strong broad Fe Kα line, i.e., EW > 600 eV, are ex-
cluded). Then we obtain a stacked spectrum by stacking
those 51 simulated X-ray spectra for each of the 20 mod-
els. The X-ray data for the majority of the mock AGNs
are dominated by statistical uncertainties (low signal-to-
noise ratio). In order to estimate the effective spin value
as well as its uncertainty, we repeat the above simulation
process, and generate 100 stacked spectra for each spin
distribution. We estimate the MBH spin values (the typ-
ical 1σ uncertainty is about ∼ 0.3) by fitting each of the
100 stacked spectra with an absorbed power-law contin-
uum plus a relativistic broad Fe Kα model. The median
of the 100 measured spin values is then considered as the
“best-fit" effective spin value estimated from the stacked
X-ray spectra for each of the 20 spin distributions result-
ing from those models in Section 3. The lower and upper
limits of the spin values are estimated using the 16-th
and 84-th percentiles (see Table 2).
For the cases without consideration of the disk self-
gravity in the chaotic accretion phase, our calcula-
tions suggest that it is possible to distinguish the
model with (fTDE,Mcl) = (0.9, 10
4M⊙) from that with
(fTDE,Mcl) = (0.1, 10
4M⊙) using the X-ray spectral
stacking method. The former results in a median spin
value of amed ∼ 0.27 while the latter results in a much
larger value of amed ∼ 0.67. This is also true for
those models with Mcl = 10
5M⊙, i.e., amed ∼ 0.21 for
fTDE = 0.9 and amed ∼ 0.71 for fTDE = 0.1. However,
we cannot distinguish the model with fTDE = 0.5 from
that with fTDE uniformly distributed over 0.1 to 0.9,
i.e., the measured MBH spins are amed ∼ 0.5 − 0.6 for
both models. For the cases considering self-gravitating
disks in the chaotic phase and the three different choices
of Mcl (the last column of Table 2), the models with
fTDE = 0.1 and 0.9 can also be distinguished, which
result in a median spin value of ∼ 0.7 and ∼ 0.2 respec-
tively. Similarly, the models with fTDE = 0.5 and those
with randomly distributed fTDE cannot be distinguished
within 20% uncertainty. Models with different choices of
Mcl cannot be distinguished since the disk self-gravity
plays a major role in determining the disk mass and thus
the median spin. Consideration of disk self-gravity in
general results in a smaller median spin, which is con-
sistent with the results presented in Section 3. How-
ever, the two cases with (fTDE,Mcl) = (0.1, 10
4M⊙) and
(0.9, 105M⊙) by considering the disk self-gravity result in
slightly larger spins than those cases without considering
disk self-gravity (but they are consistent with each other
within the uncertainties), which may be caused by the
low signal-to-noise ratio of the simulated spectra. Ac-
cording to those simulation results, the observational re-
sults obtained by Liu et al. (2015) perhaps suggest that
those models with fTDE & 0.5 or fTDE uniformly dis-
tributed over the range from 0.1 to 0.9 are favored, i.e.,
the accretion of TDSs contributes significantly to the
mass growth of ∼ 106M⊙ MBHs.
Apparently the constraints on fTDE obtained from the
two different sets of observational results on the MBH
spins are in contradiction with each other. The reason
for these inconsistent constraints on fTDE might be that
(1) the measurements of spins for those objects listed
in Table 1 may be biased towards high values, or (2) a
significant fraction of those NLS1s do not have relativis-
tic Fe Kα emission from the inner region of their disks,
which leads to the immerse of the red wing of Fe Kα
line in the stacked continuum and thus an underestimate
of the effective spin. Future measurements of spins for
a large unbiased sample of AGNs would be important
in constraining the significance of the contribution from
accretion of TDSs to the growth of MBHs with mass
∼ 106M⊙.
5. CONCLUSIONS AND DISCUSSIONS
In this paper, we have quantitatively investigated the
effect of accreting TDSs on the spin evolution of MBHs
with mass ∼ 106M⊙, by considering accretion of both
TDSs and gas clouds (with several or many chaotic AGN
accretion episodes). We find that the accretion of TDSs
may play an important or even a dominant role in shap-
ing the spin distribution of ∼ 106M⊙ MBHs, depending
on the contribution fraction of the TDS accretion to the
MBH growth, which is longly expected to be significant.
Assuming a reasonable range for the mass of gas clouds
in AGN accretion episodes, we find that most ∼ 106M⊙
MBHs in both the gas-cloud (AGN) and TDS accretion
episodes would have: (1) low spins (|a| . 0.3) if the con-
tribution of TDS accretion to the growth of those MBHs
is & 90%; (2) high spins (|a| & 0.7) if this contribu-
tion is . 10%; and (3) intermediate spins or |a| widely
distributed over the range from 0 to 1 if this contribu-
tion is intermediate or randomly distributed from 10%
to 90% among those MBHs. We also find that there
are fewer high-spin MBHs in the TDS accretion episodes
than those in the gas-cloud accretion (AGN) episodes.
This asymmetry simply results from that the decrease of
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MBH spins during the period of consecutive TDS accre-
tion is more rapid than the increase of MBH spins during
the AGN period when those spins are large. One should
also note that the occurrence of retrograde accretion is
almost the same as prograde one in the TDS accretion
episodes, while the fraction of retrograde-spin one in the
gas-cloud accretion (AGN) episodes is negligible.
By comparing our model results on the spin distri-
bution with the observational measurements of MBH
spins via Fe Kα line for a number of individual AGNs
with mass ∼ 106M⊙, we find that the contribution
to MBH growth from accreting TDSs is insignificant
(. 10%). However, the constraint on spins obtained from
the stacked X-ray spectra of a larger number of NLS1s
(Liu et al. 2015) suggests the contribution of TDS accre-
tion to the growth of MBHs with mass ∼ 106M⊙ may
be significant (& 50%), which is in contradiction with
the constraint inferred from the individual spin measure-
ments. A large unbiased sample of spin measurements
for AGNs is required in order to put a strong constraint
on the contribution of accretion of TDSs to the growth
of MBHs with mass ∼ 106M⊙.
Current observations of TDEs are still not able to
put constraints on the spins of their central MBHs.
However, it is expected that future observations can
provide strong constraints on the MBH spins through
spin-induced Lense-Thirring precession (Stone & Loeb
2012), Quasi-Periodic Oscillations (QPOs) (Reis et al.
2012; Pasham et al. 2019), or other signatures. With
QPO measurement in ASASSB-14li, a TDE with cen-
tral MBH mass ∼ 105.8−7.1M⊙, Pasham et al. (2019) re-
cently found that the spin of this MBH should be greater
than 0.7. This high spin in the TDS accretion state may
also suggest that the contribution of TDS accretion to
MBH growth is not significant (see Fig. 2), similar to
that by the Fe Kα line measurements of spins for other
∼ 106M⊙ MBHs in the AGN states (see Table 1).
We anticipate that future measurements on the spins
of some ∼ 106M⊙ MBHs and determination of their spin
distribution in both the gas-cloud (AGN) and the TDS
accretion episodes will put strong constraints on the sig-
nificance of the accretion of TDSs to the growth history
of those MBHs. In addition, the comparison of the two
spin distributions would put further constraints. For ex-
ample, the accretion of TDSs to the growth of ∼ 106M⊙
MBHs would be important if the fraction of highly spin-
ning MBHs in the TDS accretion episodes is found to
be relatively small comparing to that in the gas-cloud
(AGN) accretion episodes.
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